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Figure 4. Light curves of PSR B1259−63 around periastron. (a) HESS 2004
and 2007 periastron passages (Aharonian et al. 2005). (b) Fermi-LAT 2010
periastron passage. (c) X-ray fluxes from three periastron passages in units
of 10−11 erg cm−2 s−1 (Chernyakova et al. 2009). (d) Radio (2.4 GHz)
flux densities measured at ATCA for the 2010 and 1997 periastron passages
(Johnston et al. 1999).

2009; Kawachi et al. 2004; Tavani et al. 1996; Chernyakova
et al. 2006, 2009) revealed a characteristic variability of this
emission during the periods of periastron passage. Detection
of the 0.1–10 GeV band γ -ray emission around periastron was
not unexpected. However, Fermi observations reveal puzzling
behavior of the source, which was not predicted in any model
of γ -ray emission from this system. An unexpected strong flare
visible only in the GeV band was observed some 30 days after
the periastron passage and after the neutron star passage of the
dense equatorial wind of the massive star.

During this flare the source was characterized by an ex-
tremely high efficiency of conversion of pulsar spin-down
power into γ -rays. The highest day-average flux was F100 ∼
3.5 × 10−6 cm−2 s−1 with a spectral index of Γ ∼ 3.0.
This corresponds to an isotropic γ -ray luminosity of ≃8 ×
1035(D/2.3 kpc)2 erg s−1, nearly equaling the estimated total
pulsar spin-down luminosity LSD ≃ 8.3×1035 erg s−1 (Johnston
et al. 1992). This is illustrated in Figure 5 where the horizontal
red line shows the flux which would be produced when 100% of
the spin-down power is converted into radiation emitted within
one decade of energy, not taking into account possible beaming
effects.

Broadband spectra of emission around periastron are shown
in Figure 5. Strong increases in GeV flux and changes in γ -ray
spectrum during the flare were not accompanied by noticeable
spectral variations in the X-ray band.

Several possible mechanisms of production of 0.1–10 GeV
γ -ray emission from the system were previously discussed:

Figure 5. Spectral energy distribution of PSR B1259−63 around periastron.
Blue and cyan points represent the measurements of the spectra in the pre- and
post-periastron periods (labeled 1 and 2, respectively) by the LAT, Swift-XRT
in X-rays and ATCA in radio. Thin solid, dotted, and dashed lines show syn-
chrotron, inverse Compton, and bremsstrahlung components correspondingly.
Green points show HESS measurements from 2004 (Aharonian et al. 2005).
Light gray curves show the models of pre-periastron emission, dark gray curves
show the models of the flare. The horizontal red mark shows the flux which
would be produced if 100% of the pulsar spin-down power were converted into
electromagnetic radiation. In the upper panel, the high-energy particles are as-
sumed to escape from the system with the speed of the stellar wind, while in the
lower panel, high-energy particles are assumed to escape with the speed c/3, as
in the model of Tavani & Arons (1997), see the text for details. LAT data points
will be made available through https://www-glast.stanford.edu/cgi-bin/pubpub.

synchrotron, inverse Compton (IC), bremsstrahlung, or pion
decay emission (Tavani & Arons 1997; Kawachi et al. 2004;
Chernyakova et al. 2006; Khangulyan et al. 2007). Electrons
with energies Ee ∼ 100 TeV produce synchrotron emission
in the energy range Eγ ∼ 109[B/1 G][Ee/1014 eV]2 eV.
Alternatively, electrons with energies Ee ∼ 1–10 GeV could
produce γ quanta with energies Eγ ≃ 108[Ee/1 GeV]2 eV via
IC scattering of Be star photons. Bremsstrahlung emission in
the GeV band could be produced by the GeV electrons. Finally,
the dense equatorial stellar wind could provide a sufficiently
dense target for proton–proton interactions followed by decays
of neutral pions into photons.

Figure 5 shows example model fits to the persistent emission
data. The model shown in the upper panel assumes that high-
energy particles escape with the speed of the stellar wind, as in
the model of Chernyakova & Illarionov (1999) and Chernyakova
et al. (2006). Slow escape of the high-energy particles leaves
enough time for the efficient cooling of electrons via IC and/or
bremsstrahlung/Coulomb loss mechanisms. In the lower panel,
high-energy particles are assumed to escape with the speed
1010 cm s−1, as in the model of Tavani & Arons (1997). In
this case only synchrotron cooling is efficient. The code used
for the calculations is described in Zdziarski et al. (2010).

In general, the flare could be explained either by anisotropy of
the γ -ray emission or by an abrupt change of physical conditions
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TeV電子を生成する加速機構が存在（宇宙の新たな大加速器） 
粒子加速・非熱的放射のメカニズムは、現在に至るまで大きな謎

PSR B1259-63のスペクトル 
 (Abdo+11)

• TeV帯域まで延びる、非熱的な放射スペクトルを示す 
• 1 MeV以上に、放射エネルギーのピークを持つ 
と、X線連星とは極めて異なる特徴を持った連星系 
伴星は、数十太陽質量のOB星 
GeV/TeV観測技術の向上とともに、2000年代から、8天体、発見 
 (初検出、PSR B1259-63@2004年)
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ガンマ線連星 LS 5039
 3

LS 5039は、銀河系内で最も明るい、かつ、軌道周期が短い (3.9日)

距離：  (Casares+05) 
伴星：  のO星 
離心率：  (Casares+05) 
コンパクト星：  (Aragona+09) 
コンパクト星が中性子星かブラックホールかは未知

2.5 ± 0.1 kpc
22.9+ 3.4

−2.9 M⊙
0.35 ± 0.04

> 1.2 M⊙

� の中性子星を仮定したときの軌道1.4 M⊙

→ 軌道全体に渡って、詳細な観測が可能なガンマ線連星

- 電波からTeVガンマ線で観測可能 
- X線からTeVまで、 
連星運動と同期して放射強度が変動

No. 1, 2009 LONG-TERM STABILITY OF X-RAY ORBITAL MODULATION IN LS 5039 L3

Figure 1. Orbital variations of photon index and unabsorbed flux in the energy
range of 1–10 keV. Each color indicates the data of XMM-Newton (blue,
cyan, and green), ASCA (red), and Chandra (magenta). The black filled and
open circles represent the Suzaku observation. Fitting parameters are shown in
Table 1.

which is obtained from the phase-averaged Suzaku spectrum.
Also, phase-resolved ASCA spectra were fit using NH frozen at
the phase-averaged value. As seen in Figure 1, the photon indices

obtained in the past observations follow the tendency seen in
the Suzaku data, where the indices become smaller (Γ ≃ 1.45)
around apastron and larger (Γ ≃ 1.60) around periastron. TeV
γ -ray emission presents similar trends in flux and photon indices
(Aharonian et al. 2006) as those of X-rays. Remarkably, the
X-ray flux shows almost identical phase dependency between
the Suzaku and the other data sets as seen in the bottom panel
of Figure 1. The similar tendency in fluxes and photon indices
were also presented in Bosch-Ramon et al. (2005), although the
data were background contaminated and this prevented a proper
photon index determination. The results above indicate that the
overall orbital modulation has been quite stable over the past
eight years. Variability on shorter timescales is studied in the
following subsection.

3.2. Temporal Analysis

The Suzaku light curves by Takahashi et al. (2009) revealed
variability on short timescales of ∆φ ! 0.1. To investigate
the long-term behavior of the X-ray modulation, we compared
the light curve by Suzaku and those obtained in the past
observations. To directly compare the light curves obtained
with the different detector systems, we need to convert detected
counting rate to absolute energy flux for each bin of the light
curves. For all the data other than the Suzaku, we assumed
power-law spectra with parameters shown in Table 1 and
converted the counting rate of each time bin to power-law
flux (unabsorbed flux). We adopted variable bin widths to have
equalized errors for different data sets. For the Suzaku data,
since the spectral parameters, particularly photon indices, are
significantly changed during the observation, we converted the
observed counting rate assuming the power-law parameters
obtained for each phase interval of ∆ = 0.1. The left panel
of Figure 2 shows the resulting light curves in the energy
range of 1–10 keV. Also, a magnified plot of the light curve
is shown in the right panel of Figure 2. The phase-folded

(a)

(b)

Figure 2. (a) Orbital light curves in the energy range of 1–10 keV. Top: Suzaku XIS data with a time bin of 2 ks. Overlaid in the range of φ = 0.0–2.0 is the same
light curve but shifted by one orbital period (open circles). Bottom: comparison with the past observations. Each color corresponds to XMM-Newton (blue, cyan with
each bin of 1 ks, and green with each bin of 2 ks), ASCA (red with each bin of 5 ks), and Chandra (magenta with each bin of 2 ks). Fluxes correspond to unabsorbed
values. The blue solid lines show periastron and apastron phase and the red dashed lines show superior conjunction and inferior conjunction of the compact object.
(b) Close up in 1.2 ! φ < 1.8.

Kishishita+09

X線の軌道ライトカーブ
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極めて明るいMeVガンマ線放射
CGRO/COMPEL (1991-2000) の観測データを再解析した結果、 
ガンマ線連星LS 5039から、MeVガンマ線放射を発見 (Collmar+14)

 4

放射機構の根本的な考えの見直しが必要 
MeVガンマ線放射の理解が鍵を握る

A&A 565, A38 (2014)

Fig. 9. X-ray to TeV γ-ray SED of LS 5039.
The COMPTEL soft γ-ray spectra (sum of all
data) for the INFC and SUPC orbital phases are
combined with similar spectra from the X-ray
(Suzaku, Takahashi et al. 2009), the MeV/GeV
(Fermi/LAT, Hadasch et al. 2012), and the TeV
band (HESS, Aharonian et al. 2006a) to build
a high-energy SED of LS 5039. The SED
shows that 1) the emission maximum at en-
ergies above 1 keV and 2) a switch in radi-
ation dominance is occurring at MeV ener-
gies. The lines – solid and dashed – in the
X-ray spectra represent the model calculations
of Takahashi et al. (2009) on the emission pat-
tern of LS 5039. They do not present a fit to
their measured X-ray spectra.

the INFC period. For INFC the SED suggests a strong spectral
break between the two bands with a drop in flux by a factor of 5
between 30 MeV and 100 MeV.

In general, the COMPTEL measurements shed light on an in-
teresting region of the LS 5039 SED where the maximum of the
high-energy emission of LS 5039 occurs and where significant
spectral changes are happening. Therefore these COMPTEL
results add important information on the emission pattern of
LS 5039, and so provide additional constraints for modeling the
microquasar.

6. Discussion

In recent years, after new γ-ray instruments became opera-
tional – in particular the ground-based Cherenkov telescopes
HESS, MAGIC, and VERITAS and the γ-ray space telescope
Fermi – , a new class of γ-ray emitting objects emerged: the
“γ-ray binaries”. Many binary systems, even of different types
like microquasars, colliding wind binaries, millisecond pulsars
in binaries and novae, have now become confirmed emitters of
γ-ray radiation above 1 MeV (see e.g., Dubus 2013 for a recent
review). Confirmed VHE (>100 GeV) emission is still known
for five binary systems, among them the microquasar candidate
LS 5039.

LS 5039 is detected at γ-ray energies above 100 MeV by
Fermi/LAT (Abdo et al. 2009; Hadasch et al. 2012) and above
100 GeV by HESS (Aharonian et al. 2005, 2006a) showing re-
markable behavior in both bands: the flux is modulated along its
binary orbit, however, in anticorrelation for the different wave-
band regions. Its γ-ray SED is generally “falling” from 100 MeV
to TeV-energies. However, showing different shapes depending
on binary phase. Its general behavior is not yet understood. Open
questions are, for example, “Is LS 5039 a black-hole binary or
a neutron-star binary?”, which relates to the question of whether
the energetic particles necessary for the observed high-energy
emission are accelerated in a microquasar jet or in a shocked re-
gion where the stellar and the pulsar wind collide, and “How this
translates into the intriguing observed behavior”.

Because LS 5039 is now an established γ-ray source at en-
ergies above 100 MeV, for which crucial spectral and timing in-
formation has become available in recent years, we reanalyzed

all available COMPTEL data of this sky region by assuming that
the known but unidentified COMPTEL source GRO J1823-12 is
the counterpart of LS 5039.

As in previous analyses (e.g., Collmar 2003), we found a
significant MeV source that is consistent with the sky position
of LS 5039, which in the COMPTEL 10−30 MeV band shows
a kind of stable and steady flux level. By extrapolating the mea-
sured Fermi/LAT spectra of Fermi-detected γ-ray sources in the
COMPTEL error box into the COMPTEL band, we find LS 5039
to be the most likely counterpart. This identification is supported
by extrapolating the measured Suzaku X-ray spectra into the
MeV band. Assuming no spectral breaks from keV to MeV ener-
gies, the extrapolations reach similar flux levels to the measured
COMPTEL fluxes, for the orbit-averaged (see Fig. 5), as well as
orbit-resolved, analyses.

Orbit-resolved analyses provide the most convincing evi-
dence that GRO J1823-12 is the counterpart of LS 5039. A
subdivision of the COMPTEL data into the so-called INFC
and SUPC parts of the binary orbit results in a flux change
of the MeV source. The flux measurements in the 10−30 and
3−10 MeV bands provide evidence at 2.7σ and at 1.6σ, respec-
tively, that the fluxes for the two orbital phases are different.
The combined evidence is 3.1σ. The analyses of the COMPTEL
10−30 MeV data, subdivided into orbital phase bins of 0.2, re-
sult in a variable MeV flux. The light curve is consistent in phase,
shape, and amplitude with the ones observed at X-ray and TeV
γ-ray energies, although the statistical evidence for variability is
only 92%. We note that the errors on the fluxes always result
from the fitting process combining four γ-ray sources and two
diffuse galactic emission models.

By assuming that the fitted fluxes at the location of LS 5039
are solely due to LS 5059, i.e., neglecting possible unresolv-
able contributions of further (Fermi) γ-ray sources, we added
our MeV flux measurements – although not simultaneous – to
the measured high-energy SED of LS 5039 (Fig. 9). The SED
shows that the major energy output of LS 5039 occurs at MeV
energies, i.e., between 10 and 100 MeV, for both the INFC and
SUPC orbital parts, the latter being the less luminous one. Both
spectra show a broad spectral turnover from a harder spectrum
below 30 MeV to a softer one above 100 MeV, resembling the
IC-peaks in COMPTEL-detected blazar spectra, such as 3C 273
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Dubus, Lamberts, Fromang: Modelling gamma-ray binary emission based on relativistic hydrodynamics

energy ⇡ 200 GeV. Reproducing both the hard INFC spectrum
and the comparable levels of X-ray and VHE emission turned
out to be di�cult. The models explored in §4 all cut o↵ around
100 GeV because the high-energy particles responsible for this
emission are strongly cooled by synchrotron losses. Lowering
⇣b decreases the mean magnetic field, hence increases the VHE
cuto↵, but also lowers the X-ray flux relative to the VHE gamma-
ray flux. There is a trade-o↵ between having enough synchrotron
emission to account for the X-ray flux, and lowering ⇣b to enable
the highest-energy particles to radiate enough VHE photons. As
discussed in §4.5, changing ⇠ has little influence on the VHE
spectrum so we kept ⇠ = 1. Limited exploration showed the best
agreement was obtained by slightly lowering ⇣b to 0.5 and by
taking an injection slope s = 1.5 instead of 2.

The inclination has an e↵ect on both lightcurves and spectral
variations. The VHE spectral variations are more pronounced
with higher i although too high an inclination results in a INFC
spectrum with a flux that is too low (Fig. 8). A high inclination
also results in a pronounced dip of emission at �inf = 0.77. The
H.E.S.S. lightcurve appears double-peaked with a shallow mini-
mum at �inf , favoring a model with 25� < i < 50� (Fig. 8). The
X-ray modulation is single-peaked at �inf , favouring models to-
wards the low end of this range of i. Using i = 35� turned out to
be a good compromise.

The “best-adjusted” model shown in Fig. 11-12 has ⇣p ⇡
0.017, ⇣b = 0.5, ⇠ = 1, s = 1.5, i = 35� and an injected popu-
lation of particles consisting of a Maxwellian plus a power law.
An additional parameter is the value of ⌘ = 0.1 that we fixed all
throughout this study. The hard injection spectral slope s = 1.5
hints at reconnection rather than Fermi acceleration. Adjusting
the model to the observations requires that the injected power
in particles is Ėp ⇡ 1035 erg s�1. The majority of the particles or
available power (88%) goes to the Maxwellian at the termination
shock. Only 12% goes to the particles distributed as a power law.
However, these power-law particles are more radiatively e�cient
than those in the Maxwellian: about 80% of the power injected
as a power law ends up radiated away within the simulation do-
main (like the models shown in §4) compared with only 25% of
the power injected as a Maxwellian. Hence, most of the radiation
comes from the injected power law but most of the power is in
the Maxwellian. As a consequence, most of the particles evolve
adiabatically in this model.

5.2. Comparison to the observations

The (rough) adjustment provides a reasonable, albeit imperfect,
description of the data. The X-ray flux is too low by a factor ⇠ 2
in the present model. X-ray emission arising beyond our com-
putational domain might account for this mismatch (§4.4 and
Fig. 6). A higher ⇣b would raise the X-ray flux, but lower the
VHE cuto↵ in the INFC spectrum to values that would not be
consistent with the observations. The largest discrepancy is the
COMPTEL data at MeV energies, recently associated with LS
5039 (Collmar & Zhang 2014). Although the spectral slope of
the model, as well as its evolution with orbital phase (Fig. 12),
are compatible with the observations (the COMPTEL spectrum
is harder at SUPC phases), the flux is clearly underestimated by
an order-of-magnitude. A higher ⇣b would raise the synchrotron
luminosity but a cooling break in the synchrotron spectrum is
hard to avoid and this would also be at the expense of the hard
VHE INFC spectrum. If ⇣b is low then the synchrotron spectrum
can extend from X-ray to MeV, as in Takahashi et al. (2009)
where adiabatic cooling is assumed to dominate over radiative

Figure 11. Our best-adjusted model to the observed spectral en-
ergy distribution of LS 5039. Top: the black curve is the av-
erage model spectrum ; the synchrotron (⇠ 1 eV) and inverse
Compton (⇠ 1 GeV) contributions from the Maxwellian popu-
lation of electrons are in dark blue ; the contributions from the
power-law population are in light blue. Bottom: the thick, dark
blue curve (resp. light blue curve) represents the INFC (resp.
SUPC) spectrum, the thin grey curves represent the evolution
of the SED in orbital phase steps of 1/30. From left to right,
the data shown are: the orbital maximum and minimum X-ray
bowties from Suzaku (Takahashi et al. 2009), the BATSE data
points and INTEGRAL bowtie (Harmon et al. 2004; Ho↵mann
et al. 2009), the average COMPTEL data points with bowtie
(Collmar & Zhang 2014), the average Fermi-LAT spectrum with
data points from 100 MeV to 50 GeV and the best-fit power-law
with exponential cuto↵ (Hadasch et al. 2012), the H.E.S.S. INFC
(dark blue bowtie) and SUPC spectra (light blue bowtie) with the
associated data points from 100 GeV to 30 TeV (Aharonian et al.
2006).

cooling, but our model shows the inverse Compton component
would then be too narrow and luminous (see Fig. 10). Our model
is unlikely to be able to account for the observed MeV flux with-
out additional ingredients (discussed in §6), unless the flux is
contaminated by di↵use emission or the flux from other sources
due to the poor angular resolution at these energies. Progress is
much needed in this di�cult observational band.

The orbital modulations from the model are compared with
the observations in Figure 12. The fluxes were calculated in each
band in the units given by the observations. Because of the mis-
match in X-ray and MeV fluxes, we had to multiply the model
flux by a factor 2 and 10 (respectively) to obtain a level com-
parable to the observations. The lightcurves are reasonably well
reproduced. A slightly larger inclination would deepen the VHE

14

パルサー風モデルによるLS 5039の
スペクトルモデル (Dubus+15)

それまで、マイクロクエーサーモデル・パルサー風モデルだと思われていたが、 
このMeVガンマ線放射は、どちらでも説明できない
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MeVでピーク？

粒子加速の効率   : 実効的に、磁場の の大きさの電場で加速η 1/η

 5

➔ フェルミ加速でない、極めて高効率の粒子加速機構が存在？

2.7. PHYSICS OF PARTICLE ACCELERATION 21

the magnetosphere emission from pulsars. Thus, the pulsar wind model was studied more

intensively than the microquasar model recently.

In the pulsar scenario, the shock is formed via interaction between the stellar winds of

the O star and the relativistic pulsar winds as shown in Figure 2.13. Particles are then

accelerated in the shock region, and produce the non-thermal radiation. Some hydrodynam-

ical simulations suggest that the pulsar wind termination shock can be also formed in the

opposite direction of the O star due to the orbital motion (Bosch-Ramon et al., 2012). In

the shock far away from the companion star, UV photon density is low. Thus, it is an ideal

region where the TeV gamma-rays are produced because the gamma-gamma absorption does

not take place significantly due to the low UV photon density (Zabalza et al., 2013). Dubus

et al. (2015) calculated the spectrum based on a relativistic hydrodynamical simulation. Fig-

ure 2.12 shows the resulting spectrum of LS 5039. Although it explains the GeV and TeV

spectrum well, it can not reproduce the X-ray and MeV spectra with differences of factors of

2 and 10, respectively. In particular, the MeV emission is not satisfactory explained by any

theoretical model at this present time.

2.7 Physics of Particle Acceleration

The spectrum of LS 5039 has a peak value of around 100 MeV, and extends into the TeV band.

This feature is completely different from thermal emissions. In order to produce the TeV

gamma rays via the inverse Compton emission, there should be electrons whose energies are

above TeV. Therefore, there should be some mechanisms to accelerate the charged particles

to the TeV scale. Here, we briefly summarize the mechanisms of particle accelerations in

astrophysics.

Generally, the acceleration of charged particles in an electric/magnetic field is described

by

d(γmv)

dt
= q(E + v ×B) . (2.1)

In order to treat the particle acceleration phenomenologically, it is useful to introduce the

acceleration efficiency, η (Aharonian et al., 2002). It is defined as

Ė =
qBc

η
, (2.2)

where B/η is the projection of the electric field on the particle trajectory, that is, the effective

シンクロトロン放射のエネルギーピーク 

（※ 電子の最大エネルギーが、 
粒子加速と、シンクロトロン冷却の釣り合いで決定されているとき）
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Total power via synchrotron emission from a single electron with a energy of Ee is

γ̇sync = − 1

6π

σTB2

mec
γ2 (2.35)

= −4

3

σT

mec
UBγ

2 , (2.36)

where σT is the Thomson cross section and UB is the energy density of the magnetic field.

Then, the cooling time scale of the synchrotron emission is

tsync =
γ

γ̇sync
(2.37)

= 4.0× 102 [s]×
!

B

1 G

"−2! Ee

1 TeV

"
. (2.38)

In synchrotron radiation, γ−2γ̇sync is constant. On the other hand, in inverse Compton

emission, γ−2γ̇IC decreases with electron energy when it is in the Klein-Nishina regime. There-

fore, synchrotron cooling often determines the maximum energy of electrons. It is estimated

by calculating the condition in which the acceleration time is the same as the synchrotron

cooling time scale

−γ̇sync = γ̇acc (2.39)

Emax = 59.6 TeV ×
!

B

1 G

"−1/2

× η−1/2 . (2.40)

The maximum electron energy determines the cut-off energy of the synchrotron spectrum.

From Equation 2.30 and 2.40, it is

hν = 67 MeV × η−1 . (2.41)

The cut-off energy is solely determined by the acceleration efficiency. It does not depend on

the strength of the magnetic field.

2.8.2 Inverse Compton Scattering

Compton scattering is a process in which a charged particle is scattered by a high-energy

photon. After the scattering, the photon energy is

E ′
γ =

Eγ

1 + Eγ

mec2
(1− cos θ)

, (2.42)

where θ is a scattering angle and E ′
γ and Eγ is the photon energy after/before the scattering.

In high energy astrophysics, the inverse process is often important i.e. low energy photons

フェルミ加速 ➔ 
(既存のモデルが仮定) 
観測されたMeV放射まで伸ばすには ➔ η ∼ 1

η = 6(V/c)−2
 : ショック上流の速度V

LS 5039の詳細な観測を通して、 
標準的な加速理論を超えた、新しい宇宙粒子加速に迫りたい
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本研究の方針
 6

X線からTeVガンマ線の観測データを包括的に利用し、 
ガンマ線連星 LS 5039の放射機構の解明を目指す

A&A 565, A38 (2014)

Fig. 9. X-ray to TeV γ-ray SED of LS 5039.
The COMPTEL soft γ-ray spectra (sum of all
data) for the INFC and SUPC orbital phases are
combined with similar spectra from the X-ray
(Suzaku, Takahashi et al. 2009), the MeV/GeV
(Fermi/LAT, Hadasch et al. 2012), and the TeV
band (HESS, Aharonian et al. 2006a) to build
a high-energy SED of LS 5039. The SED
shows that 1) the emission maximum at en-
ergies above 1 keV and 2) a switch in radi-
ation dominance is occurring at MeV ener-
gies. The lines – solid and dashed – in the
X-ray spectra represent the model calculations
of Takahashi et al. (2009) on the emission pat-
tern of LS 5039. They do not present a fit to
their measured X-ray spectra.

the INFC period. For INFC the SED suggests a strong spectral
break between the two bands with a drop in flux by a factor of 5
between 30 MeV and 100 MeV.

In general, the COMPTEL measurements shed light on an in-
teresting region of the LS 5039 SED where the maximum of the
high-energy emission of LS 5039 occurs and where significant
spectral changes are happening. Therefore these COMPTEL
results add important information on the emission pattern of
LS 5039, and so provide additional constraints for modeling the
microquasar.

6. Discussion

In recent years, after new γ-ray instruments became opera-
tional – in particular the ground-based Cherenkov telescopes
HESS, MAGIC, and VERITAS and the γ-ray space telescope
Fermi – , a new class of γ-ray emitting objects emerged: the
“γ-ray binaries”. Many binary systems, even of different types
like microquasars, colliding wind binaries, millisecond pulsars
in binaries and novae, have now become confirmed emitters of
γ-ray radiation above 1 MeV (see e.g., Dubus 2013 for a recent
review). Confirmed VHE (>100 GeV) emission is still known
for five binary systems, among them the microquasar candidate
LS 5039.

LS 5039 is detected at γ-ray energies above 100 MeV by
Fermi/LAT (Abdo et al. 2009; Hadasch et al. 2012) and above
100 GeV by HESS (Aharonian et al. 2005, 2006a) showing re-
markable behavior in both bands: the flux is modulated along its
binary orbit, however, in anticorrelation for the different wave-
band regions. Its γ-ray SED is generally “falling” from 100 MeV
to TeV-energies. However, showing different shapes depending
on binary phase. Its general behavior is not yet understood. Open
questions are, for example, “Is LS 5039 a black-hole binary or
a neutron-star binary?”, which relates to the question of whether
the energetic particles necessary for the observed high-energy
emission are accelerated in a microquasar jet or in a shocked re-
gion where the stellar and the pulsar wind collide, and “How this
translates into the intriguing observed behavior”.

Because LS 5039 is now an established γ-ray source at en-
ergies above 100 MeV, for which crucial spectral and timing in-
formation has become available in recent years, we reanalyzed

all available COMPTEL data of this sky region by assuming that
the known but unidentified COMPTEL source GRO J1823-12 is
the counterpart of LS 5039.

As in previous analyses (e.g., Collmar 2003), we found a
significant MeV source that is consistent with the sky position
of LS 5039, which in the COMPTEL 10−30 MeV band shows
a kind of stable and steady flux level. By extrapolating the mea-
sured Fermi/LAT spectra of Fermi-detected γ-ray sources in the
COMPTEL error box into the COMPTEL band, we find LS 5039
to be the most likely counterpart. This identification is supported
by extrapolating the measured Suzaku X-ray spectra into the
MeV band. Assuming no spectral breaks from keV to MeV ener-
gies, the extrapolations reach similar flux levels to the measured
COMPTEL fluxes, for the orbit-averaged (see Fig. 5), as well as
orbit-resolved, analyses.

Orbit-resolved analyses provide the most convincing evi-
dence that GRO J1823-12 is the counterpart of LS 5039. A
subdivision of the COMPTEL data into the so-called INFC
and SUPC parts of the binary orbit results in a flux change
of the MeV source. The flux measurements in the 10−30 and
3−10 MeV bands provide evidence at 2.7σ and at 1.6σ, respec-
tively, that the fluxes for the two orbital phases are different.
The combined evidence is 3.1σ. The analyses of the COMPTEL
10−30 MeV data, subdivided into orbital phase bins of 0.2, re-
sult in a variable MeV flux. The light curve is consistent in phase,
shape, and amplitude with the ones observed at X-ray and TeV
γ-ray energies, although the statistical evidence for variability is
only 92%. We note that the errors on the fluxes always result
from the fitting process combining four γ-ray sources and two
diffuse galactic emission models.

By assuming that the fitted fluxes at the location of LS 5039
are solely due to LS 5059, i.e., neglecting possible unresolv-
able contributions of further (Fermi) γ-ray sources, we added
our MeV flux measurements – although not simultaneous – to
the measured high-energy SED of LS 5039 (Fig. 9). The SED
shows that the major energy output of LS 5039 occurs at MeV
energies, i.e., between 10 and 100 MeV, for both the INFC and
SUPC orbital parts, the latter being the less luminous one. Both
spectra show a broad spectral turnover from a harder spectrum
below 30 MeV to a softer one above 100 MeV, resembling the
IC-peaks in COMPTEL-detected blazar spectra, such as 3C 273

A38, page 8 of 10

① 観測的研究 
■ 硬X線帯域での 
　 スペクトル・パルス探索 
→ NuSTAR衛星の高感度観測
により実現 
■ GeV帯域の詳細な解析 
→ Fermi衛星11年分のデータ
解析により実現

② 理論的なスペクトルの考察 
■ できるだけ仮定を排除したモデルを構築し、観測データと比較する
ことで、放射機構の物理パラメータに制限。
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① 観測的研究 
i) 硬X線帯域でのパルス探索 ⇐今ここ 
　　➔ 周期 9 秒の硬X線パルスの兆候 
ii) GeVガンマ線帯域でのスペクトル解析 (Fermi 11年分の解析) 
　　➔ 1GeV付近を境目に、異なる放射成分の存在 
② 理論的なスペクトルの考察 
iii) スペクトルモデリングと、観測との比較 
　　➔ MeVガンマ線放射は、 
　　　 注入電子のべき ~1、加速効率η~2-3のシンクロトロン 
iv) LS 5039の放射物理機構の新解釈 
　　➔・LS 5039のコンパクト星は、B~1015 Gのマグネター 
　　   ・伴星からの星風で、磁気圏構造が変化 
　　　　反平行磁場の形成により、磁気リコネクションが発生
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パルス探索の目的と、先行研究
LS 5039中のコンパクト星が、 
ブラックホールか中性子星かは、未だ分かっていない 

もし、中性子星→星自転に伴った周期的なパルス放射が期待 

過去の観測では、いずれも未検出 
・電波帯域 (4.1-14.5 μJy)：McSwain+11 
・軟X線帯域 (0.3-10 keV)：Rea+11 
→ 星風による吸収の可能性が議論 

• より高エネルギーであれば、星風による吸収が弱い 
• 硬X線では、すざくHXD (1.5軌道分)・NuSTAR (1軌道分) の長時間
観測データがある

 8

硬X線帯域 (> 10 keV)に注目し、パルス探査を実施
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軌道運動によるドップラー効果
 9
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単純かつ最適な方法 
1. 観測データを、以下を満たすように、適当な時間幅 (Tsub)ごとに分割する 　　　　　　　　　　 
Fourier解析の分解能 (1/Tsub) > 軌道運動によるFourierピークの広がり (0.001/P)  

Tsub < 1000 × Pulse Period 
2. 分割データごとに、Fourier解析を実行。それらを平均したパワースペクトルを作成 
※ 分割データ中に10 events以上確保するため、1 Hzまでを探索した
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軌道運動による効果 
・中性子星の軌道運動の速度 ~ 0.001 c  
→ ドップラー効果でパルス信号がなまされる 

・軌道運動のパラメータの不定性が大きい 
➔ 軌道運動を予め補正することが難しい
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prob. = 1e-3 Δ T = 4096 s

Δ T = 8192 s

Δ T = 16384 s↑ Strong Peak at 8.96 s

すざくHXD (10-30 keV)の解析結果
 10

試行数を考慮した偶然確率1.1×10-3で、8.96 sの周期信号を検出
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NuSTAR衛星データの解析結果
NuSTARの観測データ(3‒10, 10‒30 keV)に同様の解析を実行

 11
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NuSTARでは、有意なピークはなし。より微弱な周期信号を調査
➔ 9 s付近に周期信号の兆候がないか調べるため、以下の統計量を利用 

Z2 統計 (De Jager+89) 
1. 周期を仮定して、畳み込みライトカーブを作成 
2. 得られたライトカーブをFourier変換 
3. m次までのFourier成分のパワーを足し合わせる
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NuSTARでも9sの周期成分の発見
 12
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local prob. = 1e-5

local prob. = 1e-5

(a)

(b)

9.046sの周期性の兆候を発見 
7-11 s, ΔT = 10000 sのとき、 

偶然確率3.5×10-3

すざく衛星 (2007 Sep.) 
P = 8.960 ± 0.009 s  
NuSTAR衛星 (2016 Sep.) 
P = 9.046 ± 0.009 s  

⇓ 
LS 5039のコンパクト星が 
P ~ 9s 
Pdot ~ 3×10-10 s s-1 

の中性子星であることを強く示唆
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軌道運動補正
1. 軌道パラメータを仮定し、中性子星軌道を計算 
2. 中性子星の位置による光子到来時間のずれを補正 
3. データ分割をせず、ひとつづくのデータを利用して、Z2統計を計算

 13

両データで軌道パラメータはコンシストでない 
軌道運動とは異なるモジュレーションの存在の示唆
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5.4. CORRECTION FOR THE ORBITAL DOPPLER EFFECTS 79

Table 5.2: Best-fitting values of the orbital parameters obtained from Suzaku/NuSTAR ob-

servations. Errors are in 90% confidence.

ax sin θ [light sec.] e τ0 ω [deg.] PNS [s] Z2(m = 4)

Suzaku 53.05+0.70
−0.55 0.278+0.014

−0.023 0.067+0.009
−0.012 54.6+5.1

−3.3 8.95648(4) 67.97

NuSTAR 48.1+0.4
−0.4 0.306+0.015

−0.013 0.7285+0.0078
−0.0058 56.8+2.3

−3.1 9.05381(3) 66.87

with Suzaku and NuSTAR, after background subtraction, are 0.68± 0.14 and 0.135± 0.043,

respectively. The considerably lower pulse fraction with NuSTAR may explain why the

NuSTAR data gave no evidence of periodicity via the Fourier analysis, and gave a somewhat

higher Pch value via the Z2 analysis, even though NuSTAR as a higher sensitivity than the

Suzaku HXD.We also analyzed the 3–10 keV NuSTAR data using the parameters in Table 5.2,

but found no periodic signals at the period with an upper-limit pulse fraction of 2.8% (99%

confidence level). This suggests that the pulsation is detectable only in hard X-rays.

5.4.1 Possible Causes of the Lack of a Solution of the Orbital Pa-

rameters

We did not find a consistent solution of the orbital parameters when we applied the correction

for the orbital motion to both Suzaku and NuSTAR data. A likely explanation is that the

phases and/or shapes of the pulses are subject to gradual changes, which introduce additional

modulations in the pulse arrival times. For example, some magnetars are known to undergo

free precession (Makishima et al., 2014), possibly due to magnetic deformation. Note that

magnetars are a class of neutron stars which have strong magnetic field ∼ 1015 G (see details

in Chapter 8). As a result, their hard X-ray pulse phases are modulated (though with a

variable amplitude) at a period of several tens kiloseconds. If a neutron star in LS 5039 is

also subject to a similar effect and if the pulse phase is modulated with a period which is

comparable to or longer than Porb, the two observations may have sampled different phases

of the pulse-phase modulation. By further correcting the pulse arrival times for such effects,

we expect that the two orbital solutions could be brought into a better agreement. This is a

subject of future study.

5.4.2 Possibility of Contamination from Unrelated X-ray Sources

Since the HXD of Suzaku is a non-imaging collimated detector and has a relatively large

field-of-view of 34′ × 34′ at energies below 100 keV, there is a possibility that the detected
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but found no periodic signals at the period with an upper-limit pulse fraction of 2.8% (99%

confidence level). This suggests that the pulsation is detectable only in hard X-rays.

5.4.1 Possible Causes of the Lack of a Solution of the Orbital Pa-

rameters

We did not find a consistent solution of the orbital parameters when we applied the correction

for the orbital motion to both Suzaku and NuSTAR data. A likely explanation is that the

phases and/or shapes of the pulses are subject to gradual changes, which introduce additional

modulations in the pulse arrival times. For example, some magnetars are known to undergo

free precession (Makishima et al., 2014), possibly due to magnetic deformation. Note that

magnetars are a class of neutron stars which have strong magnetic field ∼ 1015 G (see details

in Chapter 8). As a result, their hard X-ray pulse phases are modulated (though with a

variable amplitude) at a period of several tens kiloseconds. If a neutron star in LS 5039 is

also subject to a similar effect and if the pulse phase is modulated with a period which is

comparable to or longer than Porb, the two observations may have sampled different phases

of the pulse-phase modulation. By further correcting the pulse arrival times for such effects,

we expect that the two orbital solutions could be brought into a better agreement. This is a

subject of future study.

5.4.2 Possibility of Contamination from Unrelated X-ray Sources

Since the HXD of Suzaku is a non-imaging collimated detector and has a relatively large

field-of-view of 34′ × 34′ at energies below 100 keV, there is a possibility that the detected
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① 観測的研究 
i) 硬X線帯域でのパルス探索 
　　➔ 周期 9 秒の硬X線パルスの兆候 
ii) GeVガンマ線帯域でのスペクトル解析 (Fermi 11年分の解析) ⇐今ここ 
　　➔ 1GeV付近を境目に、異なる放射成分の存在 
② 理論的なスペクトルの考察 
iii) スペクトルモデリングと、観測との比較 
　　➔ MeVガンマ線放射は、 
　　　 注入電子のべき ~1、加速効率η~2-3のシンクロトロン 
iv) LS 5039の放射物理機構の新解釈 
　　➔・LS 5039のコンパクト星は、B~1015 Gのマグネター 
　　   ・伴星からの星風で、磁気圏構造が変化 
　　　　反平行磁場の形成により、磁気リコネクションが発生
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今回、得られたLS 5039のSED
 19
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スペクトルモデル

放射領域に注入される電子スペクトル　べき指数 2-2.4のpowerlaw分布 
　　　　　⬇ 
注入と冷却が平衡したときの電子エネルギー分布

 20

7.2. DEVELOPMENT OF THE GENERAL SPECTRAL MODEL 105

7.2.2 Electron Energy Distribution

In order to calculate the radiation spectrum, the electron energy distribution should be

first determined. When the physical parameters do not have spatial dependence, the time

evolution of the electron energy distribution n(t, γ) is described by the following equation

(Ginzburg & Syrovatskii, 1964)

∂n(t, γ)

∂t
+

∂γ̇(γ)n(t, γ)

∂γ
+

n(t, γ)

Tesc
= Q(t, γ) , (7.1)

where γ is the Lorentz factor of the electron and Tesc is the escape time of the electron from

the acceleration region; γ̇(γ) is the cooling rate of the electron, and Q(t, γ) is the injection

electron spectrum. Since the cooling and acceleration time scales in LS 5039 are much shorter

than the orbital period of ∼ 4 days, the electron energy distribution can be described by a

steady-sate solution of Equation 7.1. Then, it is derived as

n(γ) =
1

|γ̇(γ)|

! ∞

γ

Q(γ′)e−τc(γ,γ′)/Tescdγ′ , (7.2)

where τc is defined as

τc(γ, γ
′) =

! γ′

γ

dγ′′

|γ̇(γ′′)| . (7.3)

τc(γ, γ′) is the time which it takes to cool an electron from the Lorentz factor of γ′ to γ.

When electron escape is negligible (τc(γ, γ′) ≪ Tesc), n(γ) is described as

n(γ) =
1

|γ̇(γ)|

! ∞

γ

Q(γ′)dγ′ . (7.4)

For diffusion escape in the Bohm limit, the escape time scale is estimated as

Tesc ∼
3R2

acc

rLc
= 7× 102 [s]×

"
Racc

5 [light sec]

#"
B

1 [G]

#"
γmec2

1 [TeV]

#
, (7.5)

where Racc is the size of the acceleration size and rL is the Larmor radius. This is much

larger than the adiabatic cooling time scale (∼ 1 s) estimated using the X-ray modulation

of LS 5039 (Takahashi et al., 2009). Therefore, it is valid to assume τc(γ, γ′) ≪ Tesc in our

case. In Equation 7.4, the energy distribution is determined by only two functions, Q(γ) and

γ̇(γ). Next we explain how to calculate these two functions.

Injection Electron Spectrum Q(γ)

We assume that the injection electron spectrum is described by a powerlaw function

Q(γ) =

$
γ−s (γ < γmax)

0 (γ > γmax) ,
(7.6)

冷却過程 
・逆コンプトン散乱 
・シンクロトロン放射 
・断熱冷却 
  (放射領域のサイズをパラメータ。放射領域が相対論的に膨張していることを仮定。)

注入される加速電子のエネルギー分布冷却率定常的な電子分布
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where γmax is the maximum energy of the accelerated electron define as

γmax = 1.16× 108 ×
!

B

1 G

"−0.5

η−0.5 , (7.7)

where η is the acceleration efficiency. It is determined by the condition in which the acceler-

ation time is equal to the synchrotron cooling time.

Electron Cooling Rate γ̇(γ)

We describe the cooling rate γ̇(γ) as a sum of three processes, synchrotron, inverse Compton

and adiabatic cooling:

γ̇(γ) = γ̇IC + γ̇sync + γ̇ad . (7.8)

The cooling rate is due to inverse Compton emission and depends on the energy distri-

bution of seed photons. In LS 5039, the companion O star emits UV photons, and they

are dominant seed photons for inverse Compton emission, Thus, we assume that the energy

distribution of the seed photons is described by a Maxwellian with a temperature of 3.3

eV (Casares et al., 2005). We adopted a simple analytical approximation for the inverse

Compton cooling rate (Khangulyan et al., 2014) given by

γ̇IC =
2r20m

3
ec

4κ(kT⋆/mec2)2

π!3 F

!
4γkT⋆

mec2

"
, κ =

!
R⋆

2Dacc

"2

, (7.9)

where r0 is the classical electron radius and T⋆, R⋆ are the temperature and the radius of the

companion star respectively; Dacc is the distance between the acceleration region and the

companion star; F (u) is a function described by

F (u) =
cisou log(1 + 0.722u/ciso)

1 + cisou/0.822

!
1 + aisouαiso

1 + bisouβiso

"−1

(7.10)

αiso = 0.682, βiso = 1.281, aiso = −0.362, biso = 0.826, ciso = 5.68. (7.11)

This approximation provides ∼ 1% accuracy over a wide energy range which is accurate

enough for our calculation.

The synchrotron cooling rate is determined by two parameters B, γ such that

γ̇sync =
1

6π

σTB2

mec
γ2 . (7.12)

We describe the cooling rate of adiabatic losses as shown in Equation 2.57

γ̇ad =
c

Racc
γ . (7.13)

Here, we assume that the emission region expands relativistically.

X線シンクロトロンの放射領域はどう制限されるか？

球対称・一様な放射領域を仮定したスペクトルモデルを構築 
大きさ、磁場、伴星からの距離を主なパラメータ
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X線放射領域の制限
 21

① X線帯域のべき指数　  
② X線とGeVガンマ線のフラックス比 
  
を満たす、（磁場, 放射領域の大きさ）を求める

Γ = 1.49 − 1.79

νFν(EX = 10 keV)/νFν(EGeV = 5 GeV) > 0.6

310 410 510 610 710 810 910 1010 1110 1210 1310 1410
Energy (eV)

13−10

12−10

11−10

10−10

9−10

)
-1

 s
-2

 (e
rg

 c
m

ν
 Fν

— INFC (0.45 < φ < 0.9) 
— SUPC (0.0 < φ < 0.45, 0.9 < φ < 1.0)



/ 34

X線放射領域の制限
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X線放射領域の磁場を、8-160 Gに制限 (伴星からの距離 50 光秒)
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X線放射領域の制限
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X線放射領域の磁場を、8-160 Gに制限 (伴星からの距離 50 光秒)
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弱磁場 ➔ ICが大きすぎる 強磁場 ➔ X線スペクトルがソフトすぎる
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XとMeVは同一の成分か？
 24

X線とMeVガンマ線の放射起源は異なる！

X・MeV 
同時に説明しうる領域

X線とMeVガンマ線のフラックス比   
を満たす（磁場, 放射領域の大きさ）を求めた

νFν(EMeV = 17 MeV)/νFν(EkeV = 10 keV) > 54
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Figure 7.7: The accepted physical parameters applying different values of Dacc. The white

solid and dashed lines are obtained using 1σ and 2σ values respectively, described in Table 7.5,

Equation 7.15. The red solid and dashed lines represent the parameter regions where the

flux ratio of MeV gamma-ray band to X-ray band is larger than 1σ and 2σ values described

in Table 7.4.

X線放射領域が満たすべき 
パラメータ範囲 

伴星との距離 = 50 光秒

X・MeVを同時に説明できるパラメータは観測から棄却 (伴星との距離を変えても同様の結果)
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MeVガンマ線放射の性質
 25

・放射領域に注入される加速電子は、べき1程度の硬いスペクトル 
・加速効率ηが、約2-3と極めて小さい（効率がとてもいい）  
→ 加速機構への重要な制限！ 
・放射領域の大きさは、最低でも10 光秒より小さい 
・磁場は、最低でも数ガウスよりも大きい
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① 観測的研究 
i) 硬X線帯域でのパルス探索 
　　➔ 周期 9 秒の硬X線パルスの兆候 
ii) GeVガンマ線帯域でのスペクトル解析 (Fermi 11年分の解析)　　

➔ 1GeV付近を境目に、異なる放射成分の存在 
② 理論的なスペクトルの考察 
iii) スペクトルモデリングと、観測との比較 
　　➔ MeVガンマ線放射は、単独成分で、 
　　　 注入電子のべき ~1、加速効率η~2-3のシンクロトロン放射 
iv) LS 5039の放射物理機構の新解釈 ⇐今ここ 
　　➔・LS 5039のコンパクト星は、B~1015 Gのマグネター 
　　   ・伴星からの星風で、磁気圏構造が変化 
　　　　反平行磁場の形成により、磁気リコネクションが発生
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パルス放射から、エネルギー源を制限

① 中性子星の回転エネルギー  (PNS ∼ 9 s, ·PNS ∼ 3 × 10−10 s s−1)

 27

中性子星が1015G程度の磁場を持つ時のみ説明可能！

② 降着で開放される重力エネルギー 
・回転周期が増加している ・降着系は熱的なスペクトルを示す 
・降着系によく見られる不安定な時間変動の欠損　から棄却
③ 星風の運動エネルギー

④ 中性子星の磁場エネルギー
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2. gravitational energy due to mass accretion

3. stellar winds from the massive star

4. magnetic energy of the pulsar.

Here, on the basis of the detected P and its derivative Ṗ , we discuss in detail the maximum

amount of energy which each of the four categories can supply, and explain that only magnetic

energy of the pulsar can explain the luminosity of LS 5039.

8.1.1 Rotation-powered pulsar scenario

In this scenario, the rotational energy loss of the neutron star is converted to the radiation

energy of the system (Ghosh, 2007). From the measured pulse period PNS and its time

derivative ṖNS of LS 5039, the luminosity Lsd due to spin-down energy loss of the neutron

star is estimated to be

Lsd =
(2π)2IṖNS

P 3
NS

∼ 1034 erg s−1 , (8.1)

where I ∼ 1045 g cm2 is a canonical value of the moment of inertia of the neutron star. This

value is about two orders of magnitude lower than require. Although the unknown equation

of state for the super dense matter inside a neutron star does not allow us to obtain the

precise value for I, this uncertainty can alter I only by a factor of ∼ 2 at most (Worley et al.,

2008). Hence, PNS is too long for this object to be a rotation-powered pulsar. Therefore, this

scenario is excluded unequivocally.

8.1.2 Accreting pulsar scenario

Here we consider that the neutron star in LS 5039 is an accreting pulsar. In this scenario,

the neutron star gravitationally captures a fraction of stellar winds from the massive star.

The captured matter, falling onto the neutron star, releases its gravitational energy, and

a significant fraction of the output is converted into radiation (Ghosh, 2007). Since the

luminosity available in this way can reach ∼ 1035 erg s−1 (so-called Eddington limit), this

option is energetically feasible. However, the measured positive Ṗ does not support this

scenario, given that accreting pulsars usually spin up as a result of the infalling matter

always bringing in some angular momentum. In addition, the radiation spectra of accreting

pulsars are distinct from that of LS 5039; the former is thermal and is limited to energies

below a few hundred keV, never extending to the MeV range as in the latter. Therefore, this

scenario is also excluded.
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clarified. Assuming that the pulsar in LS 5039 is powered by the magnetic-field dissipation

in the same way as magnetars, we can estimate the energy release rate Lbf as

Lbf =
B2

NSR
3
NS

6τ
∼ 1037 ×

!
BNS

1015 G

"2! RNS

10 km

"3! τ

500 yr

"−1

erg s−1, (8.3)

where RNS and BNS are the radius and surface magnetic field of the pulsar, respectively;

τ = PNS/(2ṖNS) ∼ 500 yr is the characteristic age of the neutron star in LS 5039 (Shapiro

& Teukolsky, 1983). Accordingly, the energy balance of LS 5039 can be explained if BNS !
3 × 1014 G. Since this is a typical value of a magnetar and all the other energy-source

candidates have been rejected, the neutron in LS 5039 is inferred to be a magnetar. The

detected ∼ 9 s pulsation period also supports this hypothesis, because it falls in the observed

period range of magnetars of 2–11 s (Enoto et al., 2010). Therefore, we conclude that the

compact object in LS 5039 is a magnetar with magnetic field of ∼ 1015 G. Since so far

magnetars are observed only as isolated objects, this is the first time a binary system which

contains a magnetar has been discovered.

The luminosity of 1036 ergs−1 is somewhat higher than the typical value of isolated mag-

netars of ∼ 1035 ergs−1. This fact suggests that the magnetic-energy dissipation in LS 5039

proceeds faster than in isolated magnetars. We explain later that the dissipation process is

enhanced by interactions with the stellar winds. In the following section, we discuss mecha-

nism of the high-energy emission of LS 5039 assuming the magnetar binary hypothesis.

8.2 X-ray Emission in the Magnetar Binary Hypothe-

sis; Shock Acceleration

We cannot apply the shock formation mechanism of the pulsar wind model to our hypothesis

directly because of the following reasons. In the pulsar wind model, the X-ray emission of

LS 5039 is explained as synchrotron emission from electrons accelerated in a shock which

is formed by interactions between the strong pulsar winds and the stellar winds. However,

currently there are no observational evidences that a magnetar has strong pulsar winds

although extended emissions which might be made by the winds are reported from a few

magnetars (Reynolds et al., 2017).

Even if the magnetar in LS 5039 has no stellar winds, a shock can be formed because the

magnetic field pressure is high enough to halt the stellar winds. They are terminated at the

Alfvén radius Ra, where the magnetic pressure of the neutron star PB becomes comparable
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value is about two orders of magnitude lower than require. Although the unknown equation

of state for the super dense matter inside a neutron star does not allow us to obtain the

precise value for I, this uncertainty can alter I only by a factor of ∼ 2 at most (Worley et al.,

2008). Hence, PNS is too long for this object to be a rotation-powered pulsar. Therefore, this

scenario is excluded unequivocally.

8.1.2 Accreting pulsar scenario

Here we consider that the neutron star in LS 5039 is an accreting pulsar. In this scenario,

the neutron star gravitationally captures a fraction of stellar winds from the massive star.

The captured matter, falling onto the neutron star, releases its gravitational energy, and

a significant fraction of the output is converted into radiation (Ghosh, 2007). Since the

luminosity available in this way can reach ∼ 1035 erg s−1 (so-called Eddington limit), this

option is energetically feasible. However, the measured positive Ṗ does not support this

scenario, given that accreting pulsars usually spin up as a result of the infalling matter

always bringing in some angular momentum. In addition, the radiation spectra of accreting

pulsars are distinct from that of LS 5039; the former is thermal and is limited to energies

below a few hundred keV, never extending to the MeV range as in the latter. Therefore, this

scenario is also excluded.
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Strictly speaking, an accreting pulsar can spin down, when the accretion rate decreases

and the Alfvén radius becomes larger than the co-rotation radius (see Section 2.1 in Chap-

ter 2). Since the change of the accretion rate is unstable, the luminosity of these accreting

pulsars also varies with time. It changes by a factor of ∼ 4 with a time scale of one year

(Yatabe et al., 2018). This feature is quite different from the observational results of LS 5039

since in Chapter 4 we found that the luminosity in 3–10 keV varies by just ∼ 10% in 8 years.

Moreover, the Ṗ of these accreting pulsars varies following the change in the luminosity. In

the accreting pulsar X Persei, Ṗ changes from −1.5× 10−8 s s−1 to 0.5× 10−8 s s−1 (Yatabe

et al., 2018). If we measure the spin period of LS 5039 again and confirm that Ṗ is stable, we

can reject definitively the possibility that the neutron star in LS 5039 is an accreting pulsar

which spins down.

8.1.3 Kinetic energy of stellar winds

Even when the mass accretion is somehow hampered, some energy is still available when

the stellar winds hit the pulsar’s magnetosphere. Assuming that the massive star launches

isotropic stellar winds with a velocity vw at a mass-loss rate Ṁw, the kinetic energy Lw of

the stellar winds which interact with the pulsar’s magnetosphere is calculated as

Lw ∼ 1

2
Ṁwv

2
w × πR2
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4πD2
sep

= 6× 1030 ×
!

Ṁw

10−6M⊙ yr−1

"#
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$2# Dsep
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$−2

erg s−1
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where Dsep is the binary separation and RA is the Alfvén radius (see below). Note that

10−6M⊙ yr−1 is the upper limit of the mass loss rate of the wind reported in an optical

observation (Casares et al., 2005). Again, this is orders of magnitude too low to explain the

bolometric luminosity of LS 5039.

8.1.4 Magnetar binary hypothesis

The remaining possibility is that the magnetic field of the neutron star is the energy source

of the emission of LS 5039 in a similar way as magnetars. Magnetars are neutron stars

with ultra-strong magnetic field of ∼ 1015 G, which is higher by two orders of magnitude or

more than those of ordinary neutron stars including pulsars (Thompson & Duncan, 1993).

Their emission, mostly in soft to hard X-rays, is thought to be produced by dissipation of

their huge magnetic energy, although details of the magnetic-field dissipation are yet to be
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The remaining possibility is that the magnetic field of the neutron star is the energy source

of the emission of LS 5039 in a similar way as magnetars. Magnetars are neutron stars

with ultra-strong magnetic field of ∼ 1015 G, which is higher by two orders of magnitude or

more than those of ordinary neutron stars including pulsars (Thompson & Duncan, 1993).

Their emission, mostly in soft to hard X-rays, is thought to be produced by dissipation of

their huge magnetic energy, although details of the magnetic-field dissipation are yet to be
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LS 5039の光度1036 erg/sは、どう説明できるか？
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FIGURE 1. Left panel: P− Ṗ diagram for radio pulsars (dots), radio-quiet γ-ray pulsars (diamonds),
RRATs (crosses), XDINs (triangles), AXPs/SGRs (squares), and PSR J2144–3933 (large star). Data
from the ATNF Pulsar Catalogue ([11], http://www.atnf.csiro.au/research/pulsar/psrcat) and from the
McGill SGR/AXP Online Catalog (http://www.physics.mcgill.ca/ pulsar/magnetar/main.html). The arrow
indicates the Ṗ upper limit for SGR0418+5729 [12]. Dotted lines represent dipole magnetic fields from
109 to 1015 G and characteristic ages from 103 to 1010 years; the dashed line is a typical death line
(B/P2 = 1.7× 1011 G s−2,[13]). Middle panel: XMM-Newton PN (slightly smoothed) image of the
∼1.5′×3′ field around PSR J2144–3933 in the 0.2–1 keV energy range. The 10′′×20′′ box indicates
the sky region shown in the right panel. Right panel: ESO/VLT B-filter image of the ∼10′′×20′′ field
around PSR J2144–3933. The pulsar proper-motion-corrected position is marked by a circle with a radius
corresponding to the image astrometric uncertainty (0.24′′).

and pulsar non-thermal emission processes: in fact, the surface temperature is expected
to drop well below 105 K after ∼107 years and typical efficiencies of radio pulsars in
converting rotational energy into the X-ray and optical radiation are much lower than
our upper limits of 30% and 2%, respectively. Similarly, polar cap emission (for polar
caps with radii >10 m) could have been detected by our X-ray observation only for an
unprecedented polar cap emission efficiency >40%.
On the other hand, the peculiar position of PSR J2144–3933 in the P− Ṗ diagram

(see Figure 1, left panel), in the period range of AXPs/SGRs [14] and XDINSs [15], but
with a weaker dipolar magnetic field (B=

! 3c3I
8πR6PṖ

"1/2
≃ 1.9×1012 G), might indicate

that PSR J2144–3933 was born as a magnetar, but its magnetic field has now decayed
to an intensity typical of radio pulsars. In such a case, it would be significantly younger
than indicated by its characteristic age and would have also been heated by the decay
of its field [16]. The recent discovery that the transient SGR 0418+5729 has a small
period derivative [12] has shown that a pulsar with timing parameters similar to those of
PSR J2144–3933 (see the left panel of Figure 1) can be a bright X-ray source.
The background galaxy that worsened our sensitivity to detect PSR J2144–3933 in

the VLT images, might potentially be a tool to measure the neutron star mass through
gravitational lensing (see, e.g., [17]). However, the displacement of a background source
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RB =
2GMNS

v2w
⇠ 1⇥ 108 ⇥

⇣ vw
2000 km s�1

⌘�2
m

<latexit sha1_base64="+2kuInO/qo19YQmKdVQTPwIHX3Y="></latexit><latexit sha1_base64="+2kuInO/qo19YQmKdVQTPwIHX3Y="></latexit><latexit sha1_base64="+2kuInO/qo19YQmKdVQTPwIHX3Y="></latexit><latexit sha1_base64="hP+6LrUf2d3tZaldqaQQvEKMXyw=">AAAB2XicbZDNSgMxFIXv1L86Vq1rN8EiuCozbnQpuHFZwbZCO5RM5k4bmskMyR2hDH0BF25EfC93vo3pz0JbDwQ+zknIvSculLQUBN9ebWd3b/+gfugfNfzjk9Nmo2fz0gjsilzl5jnmFpXU2CVJCp8LgzyLFfbj6f0i77+gsTLXTzQrMMr4WMtUCk7O6oyaraAdLMW2IVxDC9YaNb+GSS7KDDUJxa0dhEFBUcUNSaFw7g9LiwUXUz7GgUPNM7RRtRxzzi6dk7A0N+5oYkv394uKZ9bOstjdzDhN7Ga2MP/LBiWlt1EldVESarH6KC0Vo5wtdmaJNChIzRxwYaSblYkJN1yQa8Z3HYSbG29D77odBu3wMYA6nMMFXEEIN3AHD9CBLghI4BXevYn35n2suqp569LO4I+8zx84xIo4</latexit><latexit sha1_base64="vENkv4sL51H0mmLEzRYvdx4jKFM="></latexit><latexit sha1_base64="vENkv4sL51H0mmLEzRYvdx4jKFM="></latexit><latexit sha1_base64="B5XfyrP6T8p1jb6wNFSDGkSq5L8="></latexit><latexit sha1_base64="+2kuInO/qo19YQmKdVQTPwIHX3Y="></latexit><latexit sha1_base64="+2kuInO/qo19YQmKdVQTPwIHX3Y="></latexit><latexit sha1_base64="+2kuInO/qo19YQmKdVQTPwIHX3Y="></latexit><latexit sha1_base64="+2kuInO/qo19YQmKdVQTPwIHX3Y="></latexit><latexit sha1_base64="+2kuInO/qo19YQmKdVQTPwIHX3Y="></latexit><latexit sha1_base64="+2kuInO/qo19YQmKdVQTPwIHX3Y="></latexit>

RAl =

 
BNSR

3
NSDsepp
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重力捕獲される半径 (Bondi-Hoyle 半径)

磁場圧が卓越する半径 (Alfven 半径)

Tiengo+11

➔ マグネター 
・1014-15 Gの磁場を持つ 
・磁場エネルギーを開放して放射 
・孤立系でののみ、これまで発見
さらに、 
① 周期9sは、典型的なマグネターと一致 
② 強磁場によって、重力降着が阻害　　　　

（熱的放射がないことを説明）

<
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① まず、反平行磁場が存在している 
② 磁場がつなぎ変わることで、 
　 荷電粒子が直接加速 (画面左右方向)

これまでにわかったこと 
・マグネターの磁場エネルギーが、放射のエネルギー源 
・べき指数1程度の注入電子スペクトル 
・効率的な加速機構 
これらは、「磁場が重要な役割を果たす直接加速」の存在を示唆 

➔ 磁気リコネクション！

では、磁気リコネクションは、 
連星系で、あり得るのか？
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磁気リコネクションの身近な例 -地球と太陽風-
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manuscript submitted to JGR: Space Physics

Figure 1. Solar wind-driven reconnection events for magnetic field lines. Field line numbers show the se-
quence of magnetic field line configurations. The first reconnection event occurs on the dayside of the Earth,
where the southward interplanetary magnetic field 1’ connects with the northward geomagnetic field line 1.
The field lines are convected anti-sunward in configurations 2 and 2’ through 5 and 5’, reconnecting again as
6 and 6’. Then the substorm expansion phase is initiated and field lines connected to the geomagnetic North
and South Poles dipolarize. Field line 7’, now closed as a roughly teardrop-shaped plasmoid, then continues
tailward into interplanetary space. The geomagnetic field line will then swing back around from midnight to
noon to become field line 9. The inset below shows the positions of the ionospheric anchors of the numbered
field lines in the northern high-latitude ionosphere and the corresponding plasma currents of the Earth’s polar
caps. The currents flow from noon to midnight, convecting the feet of the field lines nightward and then clos-
ing back at noon via a lower latitude field return flow. This figure is reproduced from Kivelson and Russell
(1995).

across North America, as seen in Figure 3. They have a 1 km spatial resolution, and 3 s
cadence image capturing capacity, and respond predominantly to 557.7 nm emissions. This
spatio-temporal resolution is su�cient to capture the pertinent data for analyzing auroral bead
structures for the green emissions corresponding to aurora at an altitude of approximately 110
km, namely the E layer (Mende et al., 2008; Burch & Angelopoulos, 2008).

Motoba et al. (2012) used ASI data from auroral beads in the northern and southern
hemispheres, and proposed a common magnetospheric driver. Ultra-low frequency waves
occurring within minutes of substorm onset are observed in the magnetosphere at frequencies
similar to those of the auroral beads, and a single event was analyzed by Rae et al. (2010)
to demonstrate that the beading is characteristic of a near-earth magnetospheric instability
triggering a current disruption in the central plasma sheet. Of the examined instabilities, cross-
field current instability and shear flow-ballooning instability were the only two consistent
with the analytical results. Kalmoni et al. (2015) used the ASI data for 17 substorm events
over a 12-hour time span throughout the auroral oval (pre-midnight sector) across Canada
and Alaska to perform an optical-statistical analysis that yielded maximum growth rates for

–3–

Earth
A B

→ 地球磁場とのアナロジー 
（地球, 太陽風) ↔ (マグネター, O星からの星風) に置換

反平行磁場
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LS 5039における磁場構造の提案
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観測
・硬X線パルス放射

観測
・GeV帯域
　高エネルギー成分
・軌道に依存しない
　のは等方的な放射？
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マグネター仮説でのスペクトルモデル
 33

次世代MeVガンマ線観測によって、同様の現象が見えてくる？
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32 CHAPTER 2. REVIEW

Total power via synchrotron emission from a single electron with a energy of Ee is

γ̇sync = − 1

6π

σTB2

mec
γ2 (2.35)

= −4

3

σT

mec
UBγ

2 , (2.36)

where σT is the Thomson cross section and UB is the energy density of the magnetic field.

Then, the cooling time scale of the synchrotron emission is

tsync =
γ

γ̇sync
(2.37)

= 4.0× 102 [s]×
!

B

1 G

"−2! Ee

1 TeV

"
. (2.38)

In synchrotron radiation, γ−2γ̇sync is constant. On the other hand, in inverse Compton

emission, γ−2γ̇IC decreases with electron energy when it is in the Klein-Nishina regime. There-

fore, synchrotron cooling often determines the maximum energy of electrons. It is estimated

by calculating the condition in which the acceleration time is the same as the synchrotron

cooling time scale

−γ̇sync = γ̇acc (2.39)

Emax = 59.6 TeV ×
!

B

1 G

"−1/2

× η−1/2 . (2.40)

The maximum electron energy determines the cut-off energy of the synchrotron spectrum.

From Equation 2.30 and 2.40, it is

hν = 67 MeV × η−1 . (2.41)

The cut-off energy is solely determined by the acceleration efficiency. It does not depend on

the strength of the magnetic field.

2.8.2 Inverse Compton Scattering

Compton scattering is a process in which a charged particle is scattered by a high-energy

photon. After the scattering, the photon energy is

E ′
γ =

Eγ

1 + Eγ

mec2
(1− cos θ)

, (2.42)

where θ is a scattering angle and E ′
γ and Eγ is the photon energy after/before the scattering.

In high energy astrophysics, the inverse process is often important i.e. low energy photons

① 直接加速   
② 磁場 (シンクロトロン放射)

η ∼ 1
➔ MeVにハードなスペクトル
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本研究の結論と、宇宙物理学的意義
LS 5039の非熱的放射は、1015 G程度の磁場を持つマグネターの磁
気エネルギーによって、駆動されている 
外部からの星風により、マグネター磁気圏内に反平行磁場が形成。結
果、磁気リコネクションが効率に起こる 

「磁気リコネクション」による、粒子加速の可能性 
磁気リコネクションがTeVまで電子を加速している、初めての証拠? 

MeVガンマ線観測の重要性 
次世代MeVガンマ線観測が実現すれば、同様の現象が見つかる 
➔ GRAMS, SMILE, AMEGOなどの次世代ミッションに期待！ 

連星におけるマグネターの初めての発見か 
未解明のマグネターの誕生過程・放射機構に大きなインパクト
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